Based on 20 years of solar investigations, the extreme-ultraviolet (EUV) spectrum in the range 50-500 Â has proved to be extraordinarily rich in providing information on the density, temperature, and element abundances of the plasma in the Sun's chromosphere and corona, especially when observed with high spectral resolution. With the advent of new instruments using multilayer optics and CCD detectors, similar measurements with a spectral resolution of about 10,000 become possible on large numbers of nearby stars, in contrast with lower resolution instruments now scheduled for space flight.
INTRODUCTION
In the early 1960s, J. D. Purcell at the Naval Research Laboratory (NRL) invented a spectrohehograph for measuring solar radiation at wavelengths as short as 170 Á. Solar X-rays were reflected at normal incidence from an off-axis spherical gold-coated grating. The original instrument was designed to record solar images from aboard Aerobee-150 rockets ( Garrett, Purcell, & Tousey 1964; Tousey et al. 1965 ). Later, a much larger version was designed (the SOS2-A spectrohehograph) and flew as part of the cluster of solar instruments (The Apollo Telescope Mount) on the Skylab manned space station (Tousey et al. 1977) . The Skylab instrument recorded data in two spectral regions: 171-335 Á, and 320-630 Â, with spectral and spatial resolutions of 0.02 Á o and 2", respectively, over a wavelength range of about 200 Â (see Fig. 1 ). These instruments are in the class of objective grating spectrometers.
The spectrohehograph was quite efficient when the sources of interest on the Sun were bright and relatively smah in spatial extent (see Fig. 2 [PI. 4] ). Recorded images include bright active regions, features above the solar limb, and solar flares. Examples of solar images obtained by the SOS2-A instrument are shown in the large-scale "Atlas of Extreme Ultraviolet Spectrohehograms from 170 to 625 Angstroms" by Feldman, Purcell, & Dohne ( 1987) .
These instruments, and others hke them, have provided a wealth of diagnostic information on the physical conditions within the many features comprising the solar atmosphere. It has long been the goal of astronomers to repeat these measurements on stars and other celestial objects generally. Until recently, only a handful of such observations has been available. These observations are based on space missions of hmited duration and have only provided photometric data over broad wavelength ranges. Now, the United Kingdom's wide-field camera on the German ROSAT space mission will provide a catalog of several hundred objects that are bright in the EUV. This year should witness the launch of the National Aeronautics and Space Administration's (NASA) Extreme Ultraviolet Explorer (EUVE) mission, which will provide spectral data on bright objects. The joint NASA/European Space Agency (ESA) mission, the Lyman-Far Ultraviolet Explorer (Lyman-FUSE), which will be dedicated to spectroscopy in the UV-EUV spectral ranges, is approved for flight in the late 1990s. Finally, solar astronomy awaits the mid-1990s launch of the Solar Oscillations and Heliospheric Observatory (SOHO), which will contain high spectral resolution UV and EUV experiments.
In this paper we describe the properties of the EUV spectrum in a number of hmited wavelength ranges expected to be important for cosmic plasma spectroscopy in order to provide the basis for the planning of observations and for the interpretation of EUV spectral data. We also discuss the design of an objective grating spectrometer, based on the Skylab slitless spectrograph (or spectrohehograph), that would be suitable for EUV observations from a space satellite.
The description of plasma diagnostics is based primarily on our experience in analyzing solar spectra, and therefore references to the hterature are biased toward our own work and are not intended to be an exhaustive review of the hterature. However, the prediction of spectroscopic properties and the description of plasma diagnostics from stehar and other cosmic sources are not new topics. As examples of the range of this work, readers are referred to the set of papers in Extreme Ultraviolet Astronomy, edited by Mahna & Bowyer ( 1991 ) , and, closely related, the set of papers in High Resolution X-ray Spectroscopy of Cosmic Plasmas, edited by Gorenstein & Zombeck (1990) .
INTERSTELLAR ABSORPTION
Not very long ago the interstehar medium ( ISM ) was considered to be too opaque for useful observations to be obtained at 387 Tousey et al. 1977) .
wavelengths greater than 100 À. (H and He are the dominant sources of absorption. The absorption scales as X" 3 shortward of a free-bound absorption edge.) However, this opinion has been shown to be seriously flawed. For example, Cruddace et al. ( 1974) showed that the mean density of the ISM along most lines of sight within 200 pc of the Sun is only 0.1 cm -3 , and perhaps as low as 0.03 cm -3 in some directions. In general, we now realize that the ISM is extremely patchy, and is not as uniformly dense as once thought.
Recently, Cox & Reynolds (1987) have summarized observations and theories regarding the local interstellar medium ( LISM ) . The Sun appears to reside inside a Local Bubble, with an average hydrogen density of 5 X 10" 3 cm -3 and an average temperature of 10 6 K. There are over 10 5 stars in this region, and therefore stellar spectroscopy can easily be carried out in the EU V. The shape of the bubble is irregular. In the Galactic plane the bubble extent is small, about 30-60 pc, but the extent is quite large perpendicular to the Galactic plane, particularly toward the north Galactic pole where it extends as far as 200 pc. The volume of the bubble is about equal to that of a sphere with a radius of 100 pc.
Within the bubble there appear to be some low-temperature regions, but the density of these regions is not very high. The Sun is in a small cloud with hydrogen density of about 0.1 cm -3 and a temperature of 10 4 K. This very diffuse cloud extends roughly from 3 to 5 pc in several directions. The resulting column density of this cloud has no significant influence at wavelengths below 200 Á. Lines of sight to stars indicate that the H i densities are much lower outside of this cloud, so long as the line of sight is confined to the Local Bubble region. Column densities of 10 18 cm -2 are typical; however, in the direction of the Galactic center, larger concentrations of material with column densities of 10 19 cm -2 exist. It may be possible to observe certain extragalactic objects in the EUV. Little is known about the fluctuations in optical depth through the Galactic disk and halo at high Galactic latitudes. The column density probably is dominated by neutral gas. There is evidence of patchiness on scales as small as 20", and some results have been obtained suggesting that up to 10% of the sky at these latitudes may have column densities as low as 4 X 10 19 cm -2 . The transmittance of the ISM at 100 Á lies Vol. 81 between 27% and 1.4% over the range 4 X 10 19 to 1.3 X 10 2O cm _2 . Another obvious application of an EUV spectroheliograph is the study of the ISM itself. Absorption edges and fines could be studied in considerable detail using the high spectral resolution of the spectroheliograph.
DIAGNOSTIC TECHNIQUES BASED ON LINE INTENSITIES AND LINE SHAPES
A complete fist of all the spectral fines that we have considered in defining diagnostics for the EUV region will be published in a following paper. In this and subsequent sections, we confine the discussion to fines with special diagnostic importance. Although we intend this paper to be primarily useful to nonsolar EUV astrophysics, we frequently use solar plasmas as examples because in the spectral region under discussion the solar data are the best available, and the most studied.
Density-sensitive Lines
The electron density sensitivity of spectral fine intensities is a property which depends mostly on the level population mechanisms. In plasmas in which electron impact excitation is the main excitation mechanism, the density sensitivity can be determined by solving a set of detailed balance equations for the level populations. In these equations the levels are populated and depopulated by collisions and spontaneous radiative decay. Since in coronal equilibrium at very low densities the main populating mechanism for most of the resonance fines of highly ionized atoms is electron impact excitation from the ground level (g), and de-excitation is primarily by spontaneous radiative decay, the electron density at which density sensitivity starts can be estimated from the following relation:
where Aÿ is the spontaneous decay rate between level i and a lower level j, and C gi is the excitation rate coefficient between the ground level and level i. In low density astrophysical plasmas, where the ground configurations of many EUV-emitting 2 2p k configurations are quite close to each other in energy, and the radiative decay rates to the lowest energy level are small. As a consequence, density sensitivity occurs for only the very lowest densities, e.g., densities lower than H n region densities. For fight elements and low degrees of ionization, the singlet levels within the ground configuration of these same sequences are density sensitive at H n region densities and higher densities. For heavier ions in the same sequences, den-FELDMAN ET AL.
No. 1, 1992 PLASMA DIAGNOSTICS 389 sity sensitivity occurs at higher densities, e.g., Fe xxi in solar flares. A corresponding discussion can be given for the N i sequence. O n is an excellent example as it is a well-known density diagnostic ion for H n regions. Less well known is the fact that S x in the N i sequence is a good density diagnostic ion for solar coronal plasmas.
A similar discussion can also be given for the 3s 2 3p k case. Due mainly to the interest in the solar EUV spectrum, most of the important EUV density diagnostic ions for all configurations have been investigated by solar and atomic spectroscopists, and the results are published widely in the astrophysical literature. Below we will comment on certain specific cases.
Temperature-sensitive Lines
In the EUV region, temperatures can be determined in two ways. The first method involves the temperature dependence of the excitation rate coefficients, which is roughly proportional to exp (-¿sE/kT)/T 1/2 , where AE 1 is the excitation energy, k = Boltzmann's constant, and T is the electron temperature. The intensity ratio {I x // 2 ) of two fines from the same ion is therefore proportional to exp [(A£ , 2 -£sE x )lkT\. A fine ratio is a good temperature diagnostic if this exponential factor is not close to unity. The H n region visible fight O m temperature diagnostic is a well-known example of this technique. In the EUV region, ratios of He n fines are sensitive to temperature, although multiple scattering might complicate the analysis.
The problem with the Boltzmann technique is that if the wavelengths of the fines are inversely proportional to the excitation energies, as they are in many cases, then the two fines will be far apart in wavelength and may not be observable with a single instrument. Even if they are observable using a single spectrometer, the instrumental calibration as a function of wavelength must be accurately known. The trick is to find two fines that are close in wavelength, but have significantly different excitation energies. The O m example cited is such a case. In this case the two fines are due to the transitions within the ground configuration, l S Q -+ x D 2 and X D 2 3 P, and are close in wavelength. However, the l S 0 and l D 2 levels are both excited from the ground state, and the Boltzmann factor mentioned above is significantly less than unity at the typical temperatures of H n regions and planetary nebulae. The O m system is practical because the l S 0 level decays to l D 2 rather than back to the 3 P levels. If ionization in a plasma is controlled by electron impact and radiative and dielectronic recombination, as in the solar corona, then a second method of estimating temperature is simply to use ionization equilibrium calculations (e.g., Arnaud & Rothenflug 1985) to find the temperature of maximum fine emission. However, this method, so often used in solar spectroscopy, only works if the plasma is in ionization equilibrium, and therefore this assumption is implicit if the method is used. Also, the method is not reliable for fines of H-fike and He-fike ions because these ions are formed over very broad temperature ranges.
Finally, it should also be noted that there is a weak density dependence to the ionization equilibrium that can alter the temperature of maximum ionization abundance. An estimate of the temperature diflerences can be found by comparing the results of Jordan (1969) , who calculated ionization equilibrium for typical quiet Sun solar densities and for a low density limit, where density effects are neglected. The temperature differences are not large. The more recent Arnaud & Rothenflug ( 1985) results were obtained for the low density limit only.
Another possible technique, applicable to some plasmas, is to find fines formed only by dielectronic recombination. The ratio of these fines to fines formed by electron impact will be strongly temperature sensitive because of the different atomic processes involved. This method is useful in the UV spectrum for some nebular plasmas (e.g., Nussbaumer & Storey 1984) , and in the X-ray spectrum of solar flares ( e.g., Doschek 1985) . However, to the authors' knowledge, no attempt yet has been made to find dielectronic fines in the EUV.
Element Abundances
The methods for deriving abundances in a photoionized plasma are well known to nonsolar workers and therefore will not be reviewed here. In a colfisionally ionized plasma, element abundances have been obtained by assuming ionization equilibrium. It is possible to obtain abundances in a nonequifibrium situation, but the problem is much more complicated and involves solving rate equations for ion abundances using a specific model.
Assuming ionization equilibrium, a spectral fine intensity is proportional to the element abundance, the ion abundance, the excitation rate coefficient, and a quantity called the emission measure which is the square of the electron density integrated over the volume of plasma that emits the fine. The ion abundance and rate coefficient are temperature dependent. If two fines can be found that have the same emission measure, then the emission measure term cancels out in the intensity ratio equation, and the ratio of fine intensities is proportional to the ratio of element abundances times the ratio of the temperature-dependent factors. The temperature terms can be calculated, and therefore the abundance ratio can be found from the ratio of fine intensities. A more general technique is to determine the emission measure distribution with temperature using only ions from one element. Then, by comparing the values of this emission measure distribution with an emission measure distribution determined similarly using ions of another element, the ratio of the two element abundances can be derived since the emission measure distribution has to be the same for all elements.
The determination of absolute abundances (relative to hydrogen) in an optically thin high temperature plasma is difficult, because there are no hydrogen emission fines to compare other fines with. Instead, one must use fine-to-continuum ratios to obtain abundances relative to hydrogen. The EUV and X-ray continuum is due primarily to bremsstrahlung and freebound emission. Unfortunately, in some instances the freebound emission can be a substantial fraction of the total continuum, depending on the temperature and wavelength region. Thus, the continuum in these cases has a dependence on nonhydrogen abundances. Temperatures must exceed about 20 X 10 6 K before bremsstrahlung totally dominates the continuum 390 FELDMAN ET AL.
emission. A review of element abundances in regions of the upper solar atmosphere and the techniques used in their derivations is given by Feldman ( 1992) .
Line Shapes
The line profiles from optically thin high temperature plasmas are in many cases nearly Gaussian in shape, especially over the cores of the lines. Below we assume Gaussian line shapes for the sake of simplicity.
There are several line broadening mechanisms that must be considered. First, we assume that only thermal Doppler broadening and/or nonthermal random mass motions and/or turbulence contribute to the line profile. Then, because the profiles are Gaussian, the FWHM of a spectral fine is equal to
where c is the speed of light, T l is the ion temperature (in many cases equal to the electron temperature ), Mis the ion mass, £ is the nonthermal or turbulent speed, and FWHM 7 is the instrumental FWHM, also assumed to be Gaussian. As an example of the magnitudes of nonthermal motions that might be detected by a high-resolution spectrohehograph, consider a technically possible situation where the FWHM! = 0.02 Á at 100 Á. The thermal Doppler FWHM of an iron line emitted at a temperature of 10 7 K is 0.03 Á. Assuming that a 10% or greater increase in the thermal Doppler and instrumental line width can be detected, then the minimum nonthermal motion that can be detected is about 30 km s -1 . Stark broadening is mostly important for hydrogen and is not a major factor in EUV line broadening. However, in some compact objects the magnetic field may become quite large and in these cases the Paschen-Back effect might be important. The broadening due to the Paschen-Back effect is given by where H is thae magnetic field strength in gauss, and X is the wavelength in Â. A magnetic field strength in excess of 2 X 10 6 G is needed to produce line splittings comparable to a 0.02 Á instrumental width.
THE SPECTRUM IN THE 93-133 À RANGE
The typical quiet Sun solar spectrum in the 93-133 Â wavelength region is mostly devoid of prominent lines. However, for plasmas with temperatures of the order of 10 7 K, e.g., solar flares, very intense emission lines appear in this spectral region. The first and so far the only sequence of flare spectra in this region were recorded by a Goddard Space Flight Center (GSFC) grazing incidence spectrometer aboard the fifth NASA Orbiting Solar Observatory {OSO 5) (see Fig. 3 which was adopted from Kastner et al. 1974) . It was recognized, by Kastner et al. 1974 and later by others, that the strong flare lines were emitted by Be-like to F-like ions of iron and to a certain extent nickel, which are most abundant in plasmas at temperatures between 4 X 10 6 and 2 X 10 7 K. The lines are due Vol. 81
to transitions of the type 2s 2 2p k -2s2p k+l . With the advent of powerful short-duration lasers in the early 1970s, laboratory spectra of iron and neighboring elements emitted by Be i-F i isoelectronics sequences were investigated, and all of these transitions were identified. (For references of experimental work, see the review articles by Doschek & Feldman 1979 , Fawcett 1981 , and Feldman 1981 . By now spectra from Be i-F i isoelectronic sequences are understood experimentally as well as theoretically. See Feldman et al. ( 1985 ) for a discussion of the theoretical intensities of the Fe xix-Fe xxm and Ni xxi-Ni xxv spectral lines in a spectrum of a plasma with an electron density of 2.5 X 10 13 cm -3 . The resonance lines from transitions of the type nl-nl in ions produced by astrophysically abundant elements with Z < 20 appear at wavelengths longer than 132 A or shorter than 93 Á. For example, Ca xn-Ca xvi lines emitted by transitions of the type, 2s 2 2p k -2s2p k+l , where 0 < A: < 6, appear mostly at wavelengths longer than 135 Á. Only three lines of Ca xm and Ca xiv, which are expected to be rather faint in low-density astrophysical spectra, appear near 130 Â. H i, He I, and He n resonance fines ( \s-nl) appear at much longer wavelengths and the wavelengths of H-fike and He-fike resonance fines emitted by C and heavier elements have much shorter wavelengths (X < 45 Á).
The ion abundances of solar abundant elements have been calculated as a function of electron temperature by a number of authors (e.g., Jordan 1969 Jordan , 1970 Arnaud & Rothenflug 1985) . Ionization equilibrium is assumed in these calculations. Using such calculations, and assuming that the excitation conditions are known, the plasma temperature can be determined from ratios of fines emitted by the different ions, or alternatively an emission measure distribution can be determined.
Since the excitation energies ( AE) of the A/z = 0 type transitions are low in comparison to their temperature of formation for the ions we are discussing (AE/kT e < 0.3), no significant temperature information can be extracted from the relative fine intensities within a particular degree of ionization.
For Fe xvm-Fe xxn, the ^-values are on the order of 10 3 -10 4 s -1 for transitions within the ground configuration, and the excitation rates are on the order of 10 " 9 to 10" 10 cm 3 s -1 . Therefore, electron density sensitivity occurs only at rather high electron densities for most fine ratios, e.g., >10
13 cm -3 . The regime of density sensitivity is at still higher electron densities for the corresponding ions of nickel.
However, we note that the Fe xxi fine ratio, 142.14 À/ 128.67 Â, might be useful at densities significantly below 10 13 cm -3 , if an instrument is sensitive enough to record the weak 142.14 Â fine due to the transition, 2s 2 2p 2 3 P l -2s2p 3 3 D 2 . We also note that not all fines mentioned here and in subsequent discussions regarding density-sensitive fine ratios appear in the tables described below. This is because only lines stronger than certain minimum intensities appear in the tables. Including all the fines would make the tables much too long. Table 1 gives the wavelengths of fines expected to be observed in the 93-133 Â range and their intensities at five different electron densities of ( 1 X 10 9 )-(1 X 10 13 ) cm -3 . The emission-measure distribution used in the calculations was assumed to be constant over the temperature range of ( 1 X 10 6 )-(3 X 10 7 ) K. The intensities in Table 1 
where / z> is the intensity for a transition between upper level j and lower level i in an ion, n j(k) is the number density of level j(k), the sum extends over ah bound levels in the ion, N e is the electron number density, A J¿ is the spontaneous decay rate for the transition, F( T max ) is the maximum fractional abundance of the ion relative to all the ions of an element assuming the coronal ionization balance of Arnaud & Rothenflug (1985) ( ^max is the temperature at which the fractional abundance is a maximum), A E is the coronal abundance of the element to which the transition belongs, A si is the silicon coronal element abundance (^4 si = 1.259 X 10" 4 ; see Table 2 ), and ß is a factor that is a measure of the width of the ion abundance in temperature space over which most of the fine emission occurs.
The quantity ß is formally defined as
where G( T e ) is the so-called contribution function, i.e., the product of the fractional ion abundance [F( T e )] times the excitation rate coefficient ( cm 3 s " 1 ). The quantity ß expresses the fact that in coronal equilibrium, two different lines may be emitted at the same average temperature, but the range of temperatures over which the fines are emitted may be different, which affects the resultant relative intensities, ß is here defined as the average value of the contribution function over a constant logarithmic temperature width (=0.3 dex) around the temperature T max for which G( T e ) is a maximum. Note that this r max can differ from the one in equation (4), which is the temperature of maximum ion abundance, and not the temperature of the maximum value of the contribution function. Since the excitation rate for a transition is dependent on the energy of excitation, the value of ß is dependent on the wavelength of the transition. (The lower levels of most transitions are near the ground state.) The method used here to compute ß was devised by Jordan & Wilson (1971) .
Since the values of ß are not easily accessible to the reader, we provide these in an Appendix. In Table 6 in the Appendix, ß is given for four wavelengths. Values of ß for individual lines were computed using an interpolation routine.
The coronal element abundances given in Table 2 were used in the calculations. Note that the abundances are defined relative to the silicon abundance, rather than in the usual way, i.e., relative to hydrogen. If desired, the reader can remove the temperature and abundance factors in equation (4) by referring to Table 2 , the table in Appendix A, and Arnaud & Rothenflug ( 1985 ) , to recover the population terms times the spontaneous decay rates. Note.-The definition of intensity is given by eqs. (4) and (5).
at 132.83 À. This line is blended with an Fe xx line at 132.85 Â. However, the blend can be unfolded because the Fe xx tine is a member of the 2s 2 2p 3 4 S 3/2 -2s2 p 4 4 P triplet, and the relative intensities of the three triplet lines are known (see Table 1).
THE 170-235 À RANGE
The 170-235 Â region of the spectrum is dominated by iron Unes emitted by coronal temperatures of a few milhon degrees. The brightest lines of Fe ex through Fe xrv expected in solartype plasmas are emitted in this region. These Unes are produced by plasmas at temperatures between 9 X 10 5 and 2 X 10 6 K. Also present is the most intense Li-like Fe xxrv Une ( 2s 2 S X i 2 -2p 2 P 3/2 ) at 192.03 A < 2 X 10 7 K), as weU as the brightest Be-like Ca xvn Une (2s 2 l S 0 -2s2p x P l ) at 192.82 Á ( < 5 X 10 6 K). The Fe xxrv and Ca xvn Unes are the most prominent among the flare Unes in the EUV region of the spectrum. Lines of O vi, Si vn, and Si vm are present as representatives of much lower temperature plasmas (7^ < 1 X 10 6 K). Lines from a number of degrees of ionization of sulfur, argon and calcium are also abundant in the region. Because of the large numbers of Unes in this wavelength region, spectra from astrophysical objects with large intrinsic Une widths may result in many blends. The ls-67? member of He n is at 234.347 Á, and the He n series Umit is at 227.838 Á. It is rather unlikely that the He n \s-np series can be used to determine electron densities using the Stark effect. Using the IngUs & Teller (1939) Umit as a rough guide, only the 40th member of the sequence will merge with the continuum at electron densities of 1 X 10 13 cm -3 . Observing the 40th member of the He n Unes is not possible with the spectroheUograph under discussion.
No. 1, 1992 Grevesse & Anders 1989. b The coronal abundances are derived from a number of sources and are considered by the authors to be the best available at this time (Feldman 1992) . It is important to note that the authors have assumed that the FIP discrepancy between the photosphere and corona is due to an overabundance of low-FIP elements in the corona.
c FIP = first ionization potential. See text. d The He abundance has not been measured in photospheric plasmas. The value given is an estimate.
e Abundances of Ne and Ar have not been measured in the solar photosphere. The values usually quoted are derived from observations of Galactic H n regions. However, Feldman & Widing 1990 discussed a solar flare that exhibited these "photospheric" abundances. The Ne and Ar "photospheric" abundances given in the table are the values derived from this particular flare.
There are many good electron density-sensitive line ratios in the 170-235 Á range. One good example is Ca xvi, which is most abundant at a temperature of 5 X 10 6 K in collisional ionization equilibrium. Ca xvi is a B-like ion with the ground state, 2s 2 2p 2 P l/2 . The first excited state is 2s 2 2p 2 P V2 . At low densities, only the ground state is significantly populated. Above a density of about 10 11 cm -3 , the population of the first excited state begins to become significant. The collisional excitation rate coefficient for the 2s 2 2p 2 P 2>/2 2s2p 2 2 D 5/2 transition is very large, and hence the fine ratio, 2s 2 2p 2 P 3/2 -2s2p 2 2 D 5/2 l2s 2 2p 2 P U2r 2s2p 2 2 D V1 (224.55 Á/208.57 Á), increases with density and at densities above 10 12 cm -3 the ground and first excited states reach a Boltzmann equilibrium. The Ca xvi lines have been used to derive electron densities in compact solar flares. Typical densities in such flares are about 2 X 10 11 cm" 3 . Another possible high-temperature diagnostic arises from spectral line ratios of Ca xvu. One ratio is 232.83 Â/192.82 Â. However, densities that have been derived for flare plasmas using Ca xvu line ratios are too high to be realistic. The Ca xvn system needs further investigation from both the solar experimental and theoretical standpoints.
There are no density-sensitive fine ratios involving strong lines for temperatures greater than 6 X 10 6 Kinthe 170-235Â wavelength region. However, there are several diagnostics involving the lower temperature iron ions such as Fe xi. A number of useful ratios and density ranges are (Dere et al. 1979 9 -5 X 10 11 cm" 3 ). Table 3 gives the wavelengths, identifications, and fine intensities for five diflerent electron densities between 1 X 10 9 and 1 X 10 13 cm" 3 . Coronal abundances ( see Table 2 ) are used in the fine intensity calculations. Figure 5 is a plot of the expected spectral line intensities in the region. The plot is given with the assumptions of a flat emission measure distribution and nonthermai line widths of 100 km s" 1 .
6. THE 240-305 Â RANGE Perhaps the most interesting wavelength range of all is the 240-305 Á region. This region contains the bright He n Lya, Ly0, and LyY fines at 303.781,256.317, and 243.027 À, as well as one of the Fe xxrv resonance fines at 255.10 À. Under solar conditions the He n fines are emitted typically from plasmas at an electron temperature near 1 X 10 5 K, while the Fe xxrv fines are emitted by 2 X 10 7 K plasmas, a span of over two orders of magnitude in temperature. This wavelength region also contains many intense fines from ions formed at intermediate temperatures.
Among the ions emitted in the intermediate temperature regime, silicon is represented by the largest number of degrees of ionization. Resonance fines from Si vi through Si xi are found in this wavelength range. The silicon fines span the temperature range from 3X 10 5 to2X 10 6 K. Intense resonance fines emitted by S x through S xm, as well as fines from Ar xm and Ar xrv, extend the temperature coverage to about 4 X 10 6 K. The Ca xvm resonance fine at 302.21 À represents plasma at temperatures of 6 X 10 6 K. Besides the Fe xxrv fine mentioned, a large number of Fe xm and Fe xrv fines emitted at temperatures of a few million degrees are also present. The Table 4 is a list of the most prominent lines in the 240-305 Á region. Wavelengths, identifications, and intensities of the lines for a constant (in temperature) emission measure distribution are given in the table. Line intensities are calculated at five different electron densities, ranging from 1 X 10 9 to 1 X 10 13 cm -3 . Coronal abundances (see Table 2 ) are used in the line intensity calculations. Synthetic spectra, for an electron density of 1 X 10 11 cm -3 and a nonthermal mass motion of 100 km s -1 , are given in Figure 6 .^ It is clear that the 240-305 Â wavelength region is excellent for sorting out the temperature properties of a particular astrophysical source, provided of course that interstellar hydrogen absorption is not too severe.
There are several density sensitive fine ratios in the 240-305 Á region (Feldman, Doschek, & Behring 1978; Dere et al. 1979) . There are no density-sensitive fine ratios for temperatures in excess of about 4 X 10 6 K. For lower temperatures some good fine ratios are At xrv, 257.37 Á/243.74 Á (6 X 10 9 -3 X 10 11 cm" 3 ); Si ix, 258. 
THE 398-467 À RANGE
The 398-467 À wavelength range is rather specialized. In solar spectra most of the lines in the region are emitted from the so-called transition region (T e < 1 X 10 6 K). A disadvan- Note.-The definition of intensity is given by eqs. (4) and (5).
tage of this region is the long wavelengths, which may result in severe reduction of the detected line intensities from interstellar absorption. However, the fact that strong Ne vi, and vn, Mg vi through Mg ex, and Ca ex lines are present in close wavelength proximity may enable a rehable determination of
WAVELENGTH (A) Fig. 6 .-The relative intensities of spectral fines in the 240-305 Â wavelength range. The fine widths were computed as described in Fig. 4 . the emission measure in the 3X10 5 <7^<1X10 6 K temperature range.
Wavelengths, identifications, and line intensities for five different electron densities (from 1 X 10 9 to 1 X 10 13 cm -3 ) are given in Table 5 . Coronal abundances (see Table 2 ) are used in the line intensity calculations. Figure 7 is a plot of synthetic spectra assuming nonthermal mass motions of 100 km s -1 . As mentioned, relative element abundances can be determined from a comparison of fine intensities with identical or nearly identical temperature dependences. Recently, it has been found that element abundances in the Sun can vary, depending on the first ionization potential (FIP) of the element (see Meyer 1985 for a detailed discussion). The FTP dependence of element abundances is also reflected by the Galactic cosmic rays. The dependences of the abundance variations on different atmospheric regions, and the magnitudes of the abundance differences among different solar regions, are currently active research topics. There are still many unresolved issues.
There are two sets of lines with identical temperature dependences that also represent ratios of high-to low-FTP elements in the 398-467 Â region. These are the low-FIP Mg vi and the high-FIP Ne vi multiplets near 400 Â, and the low-FIP Ca ix and the high-FIP Ne vn lines near 466 Á. Widing & Feldman (1989) and Feldman & Widing ( 1990) Note.-The definition of intensity is given by eqs. (4) and (5).
lines to determine the range of element abundance variations in the solar atmosphere.
TOWARD AN INSTRUMENT CONFIGURATION
The Skylab spectrohehograph is based on a Wadsworth mount in which parallel light is difiracted and forms a spectrum of monochromatic stigmatic images in the vicinity of the grating normal (see Fig. 8 ). The images are representations of the source brightness in the particular spectral lines.
A wavelength \ n diffracted along the normal of a spherical grating with N grooves per unit length is given by \ n = N~l sin a ,
where a is the angle between the source and the direction to the grating normal. The Skylab instrument contained a diffraction grating ruled by Bausch & Lomb (currently owned by Milton Roy). The grating was ruled on a Cer-vit blank of R = 400 cm radius of curvature, and the ruled area was 12.0 X 12.0 cm. The groove density was N = 36,000 / cm -1 , and the blaze was placed at 304 Á with a blaze angle of 3.14. The dispersion of the spectroheliograph, along a direction x, was d\ = N~l cos (a)da = N~l cos {a){2/R)dx ,
which corresponded to 13.9 À cm -1 . Because of the normal incidence reflection, the S082-A instrument efficiency was somewhat less than 1% between 600 and 350 Á, and below 350 Á the efficiency fell monotonically to insignificant values near and below 170 Á ( see Fig. 9 ). However, multilayer coatings have recently been shown to increase significantly the normal incidence reflectivity of mirrors and optical gratings even at soft X-ray wavelengths (e.g., Cruddace et al. 1990; Rife et al. 1989; Keshi-Kuha et al. 1990 ). The multilayer coated gratings, if designed and deposited properly, can reach reflectivity values of 10%, and sometimes even higher values, over a limited range of wavelengths. By using multilayer gratings in a normal incidence configuration, it is therefore possible to increase the instrument sensitivity over the wavelength ranges given above as well as to extend the operational range of the spectrohehograph down to -40 Â over selected narrow-wavelength ranges.
The efficiency of a multilayer coated grating is expected to be significant over a wavelength range which is a function of the number of layers deposited. For the general discussion that follows we wih adopt the dispersion of the Skylab instrument. We assume that the detector is 5 cm long in the direction of dispersion, and that the size of a pixel is 14 iim in this direction. The number of multilayers deposited on the grating will be chosen either to fit the width of the detector in the direction of dispersion (AX = 69.5 Á), or to satisfy the relation, AX = ±0.20X Á, whichever wavelength bandpass is smaller. PLASMA DIAGNOSTICS 403 No. 1, 1992 In the Skylab instrument, in order to reject the very intense long-wavelength radiation, generated by the solar photosphere and lower chromosphere, a thin aluminum foil («1000 Á thick) was placed in front of the Kodak 104 and 101 film used to record the spectra. If the full wavelength range of an instrument similar to the Skylab spectroheliograph were covered at the Skylab spectral and spatial resolution, a two-dimensional photon counting detector with about 4 X 10 4 pixels along the direction of dispersion would be needed, a difficult requirement with today's technology.
It is quite easy and not too expensive to manufacture highquality, large spherical gratings. Ruled masters of potentially suitable gratings are also currently available from grating manufacturers, e.g., the Skylab gratings from the Milton Roy Company. Based on such gratings, it is possible to produce inexpensive optics with large effective collecting areas capable of recording very high quality EUV spectra. The ruled area on the SOS2-A grating was 12.0 X 12.0 cm. It is possible to stack two or three such gratings in a direction perpendicular to the direction of dispersion and achieve fairly good focusing properties. Assuming that a solid-state detector (e.g., CCD) with a quantum efficiency of 35%-80% is used to record spectra in the 100-400 Â range, the spectroheliograph will achieve an effective collecting area of about 3 X 12 X 12 X 0.10 X 0.7 X (0.35-0.80) = 10.6-24.2 cm 2 . (Note that the effective area of the EUVE spacecraft to be launched by NASA at the end of 1991 is less than 1 cm 2 .) The filter transmission is assumed to be 0.7. As will be discussed in § 9, the filter may also be replaced by a detector blind to the visible and near UV, which will render the freestanding filter unnecessary.
Such an instrument may be powerful for investigating the properties of a variety of astrophysical objects. Since the spectrohehograph has excellent focusing properties over angular extents of ~1°, it can be used to record simultaneously the spectra of several objects spread over a small angular extent or, by the use of an external mechanical collimator, to isolate and record the spectrum of extended features. Regarding sensitivity, we note that for the observation of isolated spectral lines, the signal-to-noise ratio will improve with the resolution of the spectrometer, either linearly or as the square root depending on the background and continuum levels, because more photons are concentrated into individual resolution elements.
MULTILAYER COATINGS FOR GRATINGS, AND FILTERS TO BLOCK VISIBLE RADIATION
In this section, we present designs for multilayer coatings that have relatively high reflectances in the previously discussed wavelength regions of interest. The goal is to achieve reflectances of about 10% over wavelength ranges that are sufficiently wide to include the spectral lines of diagnostic importance. We would like to stress that the design of the multilayer coatings are not unique and other combinations may turn out to be as good as or better than the combinations we have selected. Because we are trying to optimize the coatings to specific sets of lines, rather than spectral bands, we have used unconventional designs, such as coatings with two different The calculations were performed using the optical properties of Henke et al. (1982 Henke et al. ( , 1988 . We assume discrete layer interfaces. In practice, the reflectance will be lower than the calculated reflectance owing to diffusion and interface roughness, and the number of layers will have to be increased to achieve 10% reflectance.
In § 4 the 93-133 Â spectral range was discussed. It was argued that the strongest Fe xvm line is at 93.8 Â, and the strong Fe xxm line was at 132.8 Á, i.e., two of the most important Unes in the range are located at the boundaries of the region. The normal-incidence reflectance of the multilayer coating optimized for the most important Unes in the range is shown by the solid curve in Figure \0a . For comparison, the normal-incidence reflectance of gold is shown by the dashed curve. The spacer and scattering layer materials that were chosen are B 4 C and Ru, respectively. Multilayer coatings of these materials on mirror substrates were recently characterized by Steams, Rosen, & Vernon ( 1991 ) For the longer wavelength regions (beyond the Si L-edge at 124 Ä), the most widely studied combination of materials for multilayer coatings is Mo and Si. Shown in Figure 10b Figure 10¿ /is composed of 30 layer pairs (d = 230 A, g = 0.7) optimized to have high second-order reflectance at the Fe xrv and xvm lines near 225. The first-order reflectance o covers the Ne vi and Mg vi-ix fines in the region 340-410 Á. At wavelengths longer than about 400 Á, the increasing absorptance of Si (and other potentially useful spacer materials) makes it difficult to achieve reflectances considerably higher than that of gold. However, a gold-coated grating may be adequate for this spectral region.
We now consider blocking filters for visible fight. Aluminum has been widely used as a transmission filter for wavelengths longer than the A1 L-edge at 170 Â and as a blocking filter for visible fight. As mentioned, a free-standing A1 filter was placed in front of the film camera flown on the Skylab S082-A instrument. An Al-coated photodiode detector (Canfield & Kemer 1990) was recently flown on abounding rocket instrument (Ogawa et al. 1990) . Aluminum is the obvious choice for the three wavelength regions of Figures 5, 6 , and 7. The transmittance of a 500 À layer of oxidized aluminum is greater than 70% for wavelengths 170-500 Á (see Fig. 11 ).
For the 93-133 Á wavelength region shown in Figure 4 , no Figure 12 , and the transmittance in the 75-135 Á region is 70%. The transmittance decreases for longer wavelengths and is negligible in the visible region. It may be possible to deposit 1000 Á of Zr directly onto the active area of a solid state (e.g., photodiode) detector array. The volumetric absorption (number of photoelectrons produced per volume divided by the number of photons incident at the surface) was calculated using the formalism of Beming (1963) and is shown in Figure 13 . At a wavelength of 100 Á, most of the photoelectrons are produced in the Si substrate, while at a wavelength of 200 Â and longer, the Zr coating absorbs nearly all of the incident radiation.
CONCLUSIONS
We have shown that in the 93-470 Á range there are narrow spectral regions compatible with multilayer gratings which contain significant numbers of important diagnostic fines. These fines are emitted from plasmas at temperatures in the 10 5 -(2 X 10 7 )K range and carry a wide range of diagnostic information. We have also shown that a normal incidence, objective grating spectrometer, based on the design of the Skylab spectrohefiograph, should be straightforward to construct. Such an instrument, if equipped with a multilayer grating, can achieve efficiencies over limited EUV wavelength ranges that rival much larger telescope-spectrometer instruments for the observation of stars and other celestial objects. This work was supported by NRL/ONR basic research funds, and one of us (G. A. D.) was partly supported by a NASA grant (W17,362) from the Ultraviolet, Visible, and Gravitational Astrophysics Branch of the Astrophysics Division.
APPENDIX
This appendix consists of Table 6 , which provides values of ß. See equation (4) and § 4 for a discussion. 
